Abstract Black holes are the ultimate prisons of the Universe, regions of spacetime where the enormous gravity prohibits matter or even light to escape to infinity. Yet, matter falling toward the black holes may shine spectacularly, generating the strongest source of radiation. These sources provide us with astrophysical laboratories of extreme physical conditions that cannot be realized on Earth. This chapter offers a review of the basic menus for feeding matter onto black holes and discusses their observational implications.
Introduction
There are several avenues for feeding matter onto black holes. Black holes can accrete ambient gas from the interstellar medium or from an attached gaseous disk, they may be fed by winds of a binary companion star or directly accrete from a binary companion through Roche lobe overflow, they can directly swallow or tidally disrupt stellar objects that approach them, or they may grow by merging with other black holes. Here we review these possibilities in detail and describe the corresponding astrophysical models of accretion.
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Black Hole Formation and Evolution

Collapse of Massive stars
Compact objects may form when the core of a massive star consumes its nuclear fuel and loses pressure support, resulting in a catastrophic collapse. Whether the final state is a neutron star or a black hole depends on the mass of the star, its composition (i.e. metallicity) as depicted in Figure 1 , and rotation speed. Stars with masses between ∼ 8-25 often explode as a Type II supernova and leave a neutron star/pulsar remnant. For more massive stars, in the range 25-35 M ⊙ , the fall back of the carbon-oxygen core may be significant to crush the remnant into a black hole (Fryer 1999) . For even more massive stars, the complete hydrogen envelope is lost to strong winds, leaving an isolated Wolf-Rayet star. This star then explodes as a Type-Ib/c supernova. Depending on the less-understood Wolf-Rayet mass loss rates, the final remnant is either a neutron star or a black hole. Recent work (e.g., Ugliano et al. 2012) shows that black holes can form across a somewhat wider range of initial masses (M 15 M ⊙ ), and neutron stars can form from much higher mass progenitors (M ≫ 25 M ⊙ ). This is also hinted by the young progenitors inferred for observed magnetars (M > 40 M ⊙ ; Muno et al. 2006 ).
The mass of the remnant black hole depends on the amount of wind loss, fall back, and metallicity. It is typically estimated to be between 5-15 M ⊙ for solar metallicities and between 5-80 M ⊙ in globular clusters or metal-poor galaxies with 0.01 Z ⊙ (Belczynski et al. 2010) . Higher mass black holes may form during the collapse of the first stars, the so-called Population III stars, discussed in § 2.4.
Black Holes in Stellar Binaries
Many stellar-mass black holes and neutron stars are found in close binary systems. In the local Universe, black-hole X-ray binaries come in two flavors, depending on the mass of the companion star: low-mass X-ray binaries where a low-mass companion transfers mass owing to the tidal force exerted by the black hole, and high-mass X-ray binaries (BH-HMXB) where the companion is a massive star which could also transfer mass to the black hole through a wind. At redshifts z 6 when the age of the Universe was short, BH-HMXB were probably most important since they are known to produce their X-rays over a short lifetime (∼ 10 8 yr). The cumulative X-ray emission from BH-HMXBs is expected to be proportional to the star formation rate (Grimm et al. 2003; Ranalli et al. 2003; Mineo et al. 2012) . If indeed the early population of stars was tilted towards high masses and binaries were common, BH-HMXB may have been more abundant per star formation rate in high redshift galaxies. The X-rays produced by BHHMXBs may have had important observable effects as they catalyzed H 2 formation, heated the intergalactic medium, and modified the 21-cm signal from neutral hydrogen. Their overall influence was, however, limited: hydrogen could not have been reionized by X-ray sources based on current limits on the unresolved component of the X-ray background.
The formation of BH binaries may be linked to the evolution of binary stars, transferring mass during their lives. X-ray binaries in particular, are believed to be affected by mass transfer in the giant phase. The standard evolutionary scenario leading to a HMXB is depicted in Fig. 2 . Here at least one of the stars in the binary must be a massive star. After a few million years, it exhausts its hydrogen, expands into a red giant, and transfers its entire envelope to the secondary. At this stage, the primary and secondary become a Wolf-Rayet star and a massive O/B star. The primary then explodes as a type Ib supernova, and becomes a neutron star or a black hole depending on its initial mass (see Fig. 1 ). The powerful winds of the massive secondary star sources accretion for the companion compact object. Later, as the secondary runs out of hydrogen and expands to within the Roche lobe of the compact object where the gravity of the compact object dominates,
(1) the compact object will accrete continuously from the secondary. Here M , m, a, e are the primary and secondary masses, semimajor axis, and eccentricity. As the secondary becomes a red giant, it may completely engulf the orbit. In this common envelope stage, the angular momentum of the binary can quickly decrease as the envelope is heated and ejected. If the core of the giant merges with the neutron star, it may form a Thorne-Zytkow object (Thorne and Zytkow 1977) , or if it is ejected completely, it leaves behind a black hole or neutron star primary orbiting closely around a WolfRayet star secondary. Next, the secondary explodes as a Type-Ib supernova. If the kick from the supernova explosion is larger than the gravitational binding energy, the two compact objects may fly apart, as single black holes or neutron stars. Alternatively, if the kick is weaker, it leaves behind a relativistic eccentric double black hole, double neutron star, or black hole-neutron star binary. These double compact object binaries then gradually loose energy and angular momentum due to gravitational wave emission, which leads to the shrinking of the orbital separation and eccentricity. The existence of gravitational waves is a generic prediction Fig. 2 Evolutionary stages of high mass binary stars from top to bottom. The initially more massive star (primary) is shown on the left. A black hole or neutron star forms in the 4 th stage during a type Ib supernova possibly accompanied by a long GRB. The 5 th stage represents a typical HMXB. Once the secondary fills its Roche lobe, it may supply super-Eddington accretion and lead to a super-soft X-ray source. Later the binary inspirals in a common envelope, ejecting the envelope. This may lead to a second supernova, leaving a relativistic double BH, NS, or BH/NS binary. These objects merge after gravitational wave emission, possibly generating a short GRB. The approximate timescale and number of such binaries in the Galaxy are labeled in each evolutionary stage. of Einstein's theory of gravity. They represent ripples in space-time generated by the motion of the two black holes as they move around their common center of mass in a tight binary. The energy carried by the waves is taken away from the kinetic energy of the binary, which therefore tightens with time. Ultimately, the gravitational waves emitted close to merger will be detectable by Advanced LIGO 1 and VIRGO 2 . Additionally, if at least one of the components is a neutron star, the merger may produce a bright gamma ray burst (GRB). The above scenario involves massive stars. The analogous evolutionary scenario for less massive binary stars leads to a white dwarf, neutron star, or black hole with a moderate to low-mass main sequence star, and ultimately a double compact object binary (e.g. double degenerate white dwarf binary). In this case, the separation is much larger larger than commonly observed in low mass X-ray binaries (LMXBs). The formation of LMXBs is less understood. Many-body interactions, especially in globular clusters may lead to LMXBs. Alternatively, a massive binary system may form LMXBs if there is a rapid super-Eddington wind phase and angular momentum evolution in between the 5 th and 6 th stage in Figure 2 . Black holes may form in low mass binaries during an accretion-induced collapse if a neutron star is feeding through Roche lobe overflow from a companion (Dermer and Atoyan 2006) . Another possibility is the merger of a WD with a NS (Paschalidis et al. 2009 ), although in this case it is unclear whether sufficient mass will accrete onto the NS if the WD material undergoes explosive nuclear burning (Fernández and Metzger 2013) . Neutron star or black hole binaries that accrete from a strong wind of the companion star, may be modeled using Bondi-Hoyle-Lyttleton accretion. Compact objects that accrete from the companion star through a Roche-lobe overflow, provide examples of disk accretion. We discuss Bondi and disk accretion in § 3 and § 4, respectively.
A neutron star in a LMXB that undergoes mass transfer from a secondary star is expected to be spun up during the accretion to millisecond periods, leaving a millisecond pulsar. Since black holes are more massive with a larger angular momentum, they cannot be spun up significantly by a lower mass companion.
Supermassive black holes
Supermassive black holes of masses between 10 6 -10 10 M ⊙ are observed in the centers of most if not all nearby galaxies. As they accrete gas, the gas shines as a bright pointlike quasi-stellar object, called a quasar. These objects are observed from cosmological distances up to high redshifts, where the Universe was less than a billion years old. How could such massive black holes form in such a short amount of time? Growing a supermassive black hole very quickly is difficult. Accretion of collisionless dark matter particles is negligible and can be ignored (Shapiro and Teukolsky 1983a ). For gas accretion -there is a maximum luminosity at which the environment of a black hole of mass M BH may shine and still accrete gas, called the Eddington limit, L Edd . This limit is obtained by setting the outward continuum radiation pressure equal to the inward gravitational force. Denoting the gravitational potential with Φ, pressure with p, density with ρ,
where in the last equality we assumed that the pressure is dominated by radiation pressure which is associated to a radiation flux F rad . Here κ, is the opacity. There are two primary sources of opacity for the typical densities and temperatures here: Thomson electron scattering and bremsstrahlung (i.e labeled free-free absorption) with
where we assumed a pure hydrogen plasma for simplicity, where mp denotes proton mass and σ T denotes the Thomson cross section. Substituting equation (2) into the definition of the luminosity of the source bounded by a surface S, we get
Using Gauss's theorem, Poisson's equation ∇ 2 Φ = 4πGρ, and the definition of the mass,
(5) This sets the maximum luminosity of a source in hydrostatic equilibrium, L Edd denotes Eddington luminosity. Note that we did not assume spherical geometry. While the effects of rotation can somewhat change this theoretical limit in an accretion disk, observed quasars for which black hole masses can be measured by independent methods appear to respect this limit.
The total luminosity from gas accreting onto a black hole, L, can be written as some radiative efficiency ǫ times the mass accretion rateṀ ,
with the black hole accreting the non-radiated component,Ṁ BH = (1 − ǫ)Ṁ . The equation that governs the growth of the black hole mass is theṅ
where (after substituting all fundamental constants),
We therefore find that as long as fuel is amply supplied, the black hole mass grows exponentially in time, M BH ∝ exp(t/t Edd ), with an e-folding time t Edd . Since the growth time in equation (8) is significantly shorter than the ∼ 10 9 years corresponding to the age of the Universe at a redshift z ∼ 6 -where black holes with a mass ∼ 10 9 M ⊙ are found -one might naively conclude that there is plenty of time to grow the observed black hole masses from small seeds. For example, a seed black hole from a Population III star of 100 M ⊙ can grow in less than a billion years up to ∼ 10
and L ∼ L Edd . However, the intervention of various processes makes it unlikely that a stellar mass seed will be able to accrete continuously at its Eddington limit without interruption.
Mergers are very common in the early Universe. Every time two gas-rich galaxies come together, their black holes are likely to coalesce. The coalescence is initially triggered by "dynamical friction" from the surrounding gas and stars (see Fig. 3 .3, and is completed -when the binary gets tight -as a result of the emission of gravitational radiation (Begelman et al. 1980 ). Computer simulations reveal that when two black holes with unequal masses merge to make a single black hole, the remnant gets a kick due to the non-isotropic emission of gravitational radiation at the final plunge. This kick was calculated recently using advanced computer codes that solve Einstein's equations, a task that was plagued for decades with numerical instabilities (Pretorius 2005; Campanelli et al. 2006; Baker et al. 2006 ). The typical kick velocity is hundreds of kilometer per second (and up to ten times more for special spin orientations), much larger than the escape speed from the first dwarf galaxies. This implies that continuous accretion was likely punctuated by black hole ejection events (Blecha and Loeb 2008; Tanaka and Haiman 2009) , forcing the merged dwarf galaxy to grow a new black hole seed from scratch. These black hole recoils might have left observable signatures in the local Universe. For example, the halo of the Milky Way galaxy may include hundreds of freely-floating ejected black holes with compact star clusters around them, representing relics of the early mergers that assembled the Milky Way out of its original building blocks of dwarf galaxies (O'Leary and Loeb 2009).
Seeds of Supermassive Black Holes
Supermassive black holes with masses exceeding 10 9 M ⊙ are observed at cosmological distances where the Universe was less than a billion years old. Assuming that their luminosity does not exceed the Eddington limit and the radiative efficiency is ∼ 10%, one is driven to the conclusion that the black hole seeds must have started more massive than the stellar regime of 100 M ⊙ . The needed seeds may originate from supermassive stars, defined as hydrostatic configurations with masses 10 3 -10 8 M ⊙ (Loeb and Rasio 1994; Bromm and Larson 2004) . Lacking carbon, nitrogen, oxygen, and iron, these first stars do not drive powerful stellar winds as present-day massive stars. Such systems have not been observed as of yet. Theoretically, they are expected to be supported almost entirely by radiation pressure and hence their luminosity equals the Eddington limit (equation 5). Supermassive stars steadily contract and convert their gravitational binding energy to radiation with a total lifetime 10 6 yr before they collapse to a black hole.
Is it possible to make such stars in early galaxies? Numerical simulations indicate that stars of mass ∼ 10 6 M ⊙ could have formed at the centers of early dwarf galaxies that were barely able to cool their gas through transitions of atomic hydrogen, having T vir ∼ 10 4 K and no H 2 molecules (which were suppressed by a Lyman-Werner background, Bromm and Loeb 2003; Dijkstra et al. 2008; Regan and Haehnelt 2009) . Such systems have a total mass that is several orders of magnitude higher than the earliest Jeans-mass condensations. In both cases, the gas lacks the ability to cool well below T vir , and so it fragments into one or two major clumps. The simulation results in clumps of several million solar masses, which inevitably form massive black holes.
The existence of such massive seeds would have given a jump start to the black hole growth process. The nearly uniform entropy established by convection makes the structure of supermassive stars simple (equivalent to a so-called polytrope with an index n = 3) with a unique relation between their central temperature Tc and central density ρc,
Because of this modest temperature, nuclear reactions are insignificant in metal-poor stars with masses M⋆ > 10 5 M ⊙ . General relativistic corrections make the star unstable to direct collapse to a black hole as soon as its radius contracts to a value
Rotation can stabilize supermassive stars to smaller radii, but even rotating stars are expected to eventually collapse to a black hole after shedding their angular momentum through a wind (Saijo et al. 2002) . If the supermassive star is made of pre-enriched gas, then powerful winds will inevitably be driven at its surface where the opacity due to lines from heavy elements far exceeds the Thomson value, making the outward radiation force stronger than gravity. We note that the infall of a sufficiently dense, optically-thick spherical envelope of gas cannot be prevented by radiation pressure even if the radiation production rate exceeds the Eddington limit near the center. So long as the mass infall rate is sufficiently high, the Eddington limit will not apply because the photons will be trapped in the flow. Super-Eddington accretion can grow a seed black hole rapidly (as in the case of stellar collapse), as long as the blanket of infalling gas advects the radiation inwards as it accretes onto the black hole. This "obscured" mode of black hole accretion (which is hidden from view) could be particularly important at high redshifts when the gas density and infall rate onto galaxies obtain their highest values (Wyithe and Loeb 2012) . We discuss the physics of this possibility in § 3 below.
Intermediate mass black holes
Up to this point we have discussed the two well known classes of black holes: the stellar-mass and supermassive black holes. An intriguing question is whether there is an intermediate population of black holes in the mass range M imbh ∼ 100-10 5 M ⊙ (Miller and Colbert 2004) . These objects, referred to as intermediate mass black holes (IMBHs), are interesting for several reasons: they may represent seeds for forming SMBHs through accretion, they could stabilize globular clusters against core collapse (Baumgardt et al. 2004) , they can lead to dark matter overdensities which will cause excessive dark matter annihilation signals (Bertone et al. 2005 (Bertone et al. , 2009 , they may have participated in cosmic reionization (Madau et al. 2004) , and may provide sources of gravitational waves for direct detection Loeb 2003, 2004; Mandel et al. 2008; O'Leary et al. 2009; Kocsis et al. 2012) . Several theoretical arguments have been put forth for forming IMBHs. The collapse of the first supermassive Pop-III stars may form IMBHs. This process can add ∼ 50(M imbh /150 M ⊙ ) IMBHs to galactic centers (Madau and Rees 2001) . Secondly, runaway collisions of stars (Portegies Zwart and McMillan 2002; Freitag et al. 2006) or collisions with stellar black holes (O' Leary et al. 2006) in dense star clusters can also produce IMBHs. The clusters sink to the galactic nucleus due to dynamical friction ( § 3.3) and deposit their IMBHs. This channel may supply an additional 50 IMBHs of mass 10 3 M ⊙ within the inner 10 pc (Portegies . IMBHs can also form and migrate inwards in the accretion disks of SMBHs (Goodman and Tan 2004; Levin 2007; Kocsis et al. 2011; McKernan et al. 2012) . Ultraluminous X-ray sources (ULXs) provide the best observational candidates for IMBHs (see § 4 below). In particular, the estimated IMBH mass in ESO 243-49 HLX-1 based on its X-ray thermal accretion disk spectrum and radio signal is in the range 9 × 10 3 -9 × 10 4 M ⊙ (Davis et al. 2011; Webb et al. 2012) . IMBHs may also represent low luminosity X-ray sources in the Galactic bulge accreting gas from the interstellar medium or infalling gas clouds (Bartos et al. 2013 ).
Bondi-Hoyle-Lyttleton Accretion
Bondi-Hoyle-Lyttleton accretion denotes a general class of black hole accretion, where the black hole is completely embedded in a gaseous medium and the inflow is spherical without a significant rotation. This occurs if black holes accrete from the ambient interstellar medium, as they pass through a dense gas cloud, become embedded in the envelope of a giant star, or if they accrete from a powerful wind of a binary companion star. Stellar mass black holes embedded in the accretion disk of a supermassive black hole may also accrete from the gaseous medium through this mode of accretion. Here we review the physical principles of Bondi-Hoyle-Lyttleton accretion and its observational implications.
Simple model for spherical accretion
Consider a black hole of mass M is moving with relative velocity V in an ambient medium of density ρ 0 and temperature T 0 . The root-mean-square velocity of thermal protons in the gas relative to the black hole is roughly vrms = c 2 s + V 2 , where cs ≈ k B T /mp is the sound speed . The gas particles interior to the Bondi radius,
are gravitationally bound to the black hole and are accreted. The steady mass flux of particles entering this radius is ρ 0 vrms. Multiplying this flux by the surface area associated with the Bondi radius, πr 2 B , gives the supply rate of gas,
where the second equality assumes a static medium (vrms = cs) and n H = ρ 0 /mp. In a steady state this supply rate equals the mass accretion rate into the black hole. This simple estimate for quasi-spherical accretion onto black holes is consistent with a range of simplified models. Hoyle and Lyttleton (1939) derived the accretion onto a point mass in the limit that the gas pressure is negligible (cs = 0) and particles move on ballistic orbits. Bondi and Hoyle (1944) extended the analysis to include accretion from an axisymmetric wake behind the black hole, which led to a similar result, modified by a factor ∼ 1/2. Bondi (1952) solved the Euler and continuity equations for a spherically symmetric steady-state adiabatic flow of gas assuming that the accreting object does not move relative to the medium (V = 0). Well inside the sonic radius (i.e., the point at which the infall and sound speeds are equal), the velocity is close to free-fall v ∼ (2GM/r) 1/2 and the gas density is ρ(r) ∼ ρ 0 (r/r B ) −3/2 . If the black hole moves with a supersonic velocity V > cs, then a shock wave forms behind the hole, and the accretion occurs primarily from the shocked gas in a column trailing the black hole. The Bondi solution is then appropriate interior to the shock front and the Bondi radius r B . The correction factor of this detailed calculation for the accretion rate relative to equation (12) is of order unity (see Ruffert 1994 for an updated formula).
Luminosity
The luminosity of an accretion flow is generally expressed in terms of the radiative efficiency ǫ for converting rest mass to radiation as, L = ǫṀ c 2 . The accretion rate for Bondi-Hoyle-Lyttleton accretion,Ṁ B , is given by equation (12). The radiative efficiency, ǫ is very small during spherical accretion since most of the energy, in the form of kinetic energy, heat, and radiation, is advected into the black hole rather than escape to infinity. This is due to the fact that the cooling time is longer than its accretion (free-fall) time or the diffusion time of the radiation outwards is much longer than the free-fall time and the radiation is trapped in the flow (Rees 1978; Begelman 1979; Blondin 1986 ). The infall time of the fluid element from the Bondi radius to to the BH is approximately, t ff (r) = r B /vrms and the photon diffusion time in the optically thick limit (i.e. where the optical depth satisfies τ = κρr B ≫ 1) is
where we have used equations (11) and (12), ρ(r) ∝ r −3/2 for Bondi accretion, and κ denotes the opacity. Thus, the diffusion time is larger than the infall time iḟ
where in the last equality we used the definition of the Eddington luminosity, L Edd and the Eddington accretion rateṀ Edd = L Edd /c 2 . The radiation is trapped in the flow for hyper-Eddington accretion rates that satisfy equation (14). For smallerṀ B , the inflowing gas can cool radiatively. Radiation-hydrodynamical simulations show that the flow remains radiatively inefficient, and the luminosity significantly sub-Eddington even if the accretion is super-Eddington. For 300 ≥ṁ B ≡Ṁ B /Ṁ Edd ≫ 1, the radiative efficiency is estimated to be in the range between 10 −6 ǫ 10 −3 (Fragile et al. 2012 ) and ǫ ∼ 10 −2 (Roedig et al. 2012) . If the accretion rate is very sub-Eddington, m B ≪ 0.1, the radiative efficiency is expected to follow ǫ = 10ṁ B (see § 4.2 below).
Dynamical Friction
In addition to mass accretion, a gravitating object experiences a drag when moving through a medium. The drag arises due to the gravitational focusing of material forming a wake behind the accretion. This process in collisionless astronomical systems is called dynamical friction (Chandrasekhar 1943; Binney and Tremaine 2008) . It is responsible for delivering massive black holes to the centers of galaxies after galaxy mergers (Begelman et al. 1980) , sinking satellites in dark matter galaxy halos and thereby transporting stars and possibly intermediate mass black holes to the galactic nucleus (Portegies . A similar effect arises in a gaseous medium (Rephaeli and Salpeter 1980; Ostriker 1999) . The steady-state drag force is
where
and M = V /cs is the Mach number, rmax denotes the maximum size of the medium and r min denotes the size of the perturber. For black holes r min is of order the gravitational radius, GM/c 2 . In the limit M ≫ 1, F DF ≈ −Ṁ B V ln(rmax/r min ), and for M ≪ 1,
Vorticity, turbulence, and radiation effects
The simple model of Bondi-Hoyle-Lyttleton accretion neglects rotation, gas cooling, radiative effects, turbulence, and relativistic effects, which may modify the results significantly. These effects may be studied using state-of-the-art numerical simulations, which is becoming possible only recently. Krumholz et al. (2005) examined Bondi accretion if the gas has a non-zero angular momentum beyond the Bondi radius. Neglecting radiation and thermodynamic effects, their simulation results are consistent with the fitting formulȧ
where ω * = ωr B /(2cs) is the vorticity parameter, where ω is the angular velocity of the inflowing gas at the outer boundary with respect to the black hole. This shows that the accretion rate is significantly suppressed by vorticity.
Further, Krumholz et al. (2006) have shown that the accretion rate is significantly modified in a turbulent medium over the estimate one obtains by using the turbulent velocity dispersion in equation (12) . In this case the accretion follows a lognormal distribution with a median that is roughly given bẏ
These estimates assumed that the velocity of the object is much smaller than the turbulent velocity dispersion. Incorporating radiation and realistic heating and cooling processes between multiple components (electrons, ions, and photons) poses a challenge to realistic numerical simulations of Bondi-Hoyle-Lyttleton accretion. Recently, Fragile et al. (2012) have examined optically thick Bondi accretion using a general relativistic radiation magnetohydrodynamic (GR-R-MHD) simulation with 10 ≤Ṁ /Ṁ Edd ≤ 300. They assumed two components: radiation and gas, with two gas-cooling mechanisms, Thomson scattering and thermal bremsstrahlung. The ambient gas temperature was between 10 5 and 10 7 K.
They found that the radiation pressure remained sub-dominant throughout the flow, and the luminosity remained very sub-Eddington despite the super-Eddington accretion rates such that the radiative efficiency was ǫ = L/Ṁ c 2 10 −4 . These simulations suggest that radiation does not have a major effect on the results. The opposite conclusion was reached based an independent code by Zanotti et al. (2011) and Roedig et al. (2012) . These simulations also assumed two components (gas+radiation) with Thomson scattering and bremsstrahlung. In these simulations, radiation pressure dominated over gas pressure, and suppressed accretion by two orders of magnitude. The accretion rate was still super-Eddington in the simulation, while the luminosity was around the Eddington limit with ǫ ∼ 10 −2 . These simulations showed that radiation pressure may serve to further stabilize the flow against a flip-flop instability (see § 3.5). While this progress is exciting, further improvements are necessary for a more secure estimate of the radiative efficiency of Bondi-Hoyle-Lyttleton accretion: primarily by incorporating the cooling effects of electrons (synchrotron emission and Comptonization) and extending calculations to smaller temperatures and higher resolution.
Instabilities
The Bondi-Hoyle-Lyttleton flow in not stable. Two dimensional numerical simulations have shown that the wake oscillates back and forth, exhibiting a "flip-flop instability" (Anzer et al. 1987; Fryxell and Taam 1988; Blondin and Pope 2009 ; Lora-Clavijo and Guzmán 2013), however, the structure of the wake is more regular in 3D simulations (Ruffert 1999) . At very high Mach numbers, the accretion line behind the black hole is subject to a longitudinal (Cowie 1977) and transverse instabilities (Soker 1990 (Soker , 1991 . Furthermore, Nakayama (1994) has shown that an an axisymmetric shock is susceptible to a radial instability if the flow is accelerated after the shock. Ruffert (1999) investigated the Kelvin-Helmholtz and Rayleigh-Taylor instabilities, and concluded that these are not sufficient to explain the simulations without a feedback mechanism.
Bondi-Hoyle-Lyttleton accretion in a supersonic medium is subject to the standing accretion shock instability (SASI). The physical reason for this instability is the advective-acoustic cycle (Foglizzo 2002; Foglizzo et al. 2005; Guilet and Foglizzo 2012) : entropy/vorticity perturbations are generated at the shock and advected to the sonic point, where an acoustic wave is excited and propagated back to the shock, leading to the growth of the entropy/vorticity perturbation. SASI helps drive supernova explosions (Burrows et al. 2006 ) and causes the emission of gravitational waves (Kotake et al. 2007 ).
Recent three dimensional radiation-hydrodynamical simulations revealed strong transient oscillations as the radiation pressure increases and becomes comparable to the gas pressure, eventually reversing the shock from the downstream to the upstream domain (Roedig et al. 2012 ).
Disk Accretion
Thin Disk Accretion
If the inflow is endowed with rotation with respect to the black hole, it reaches a centrifugal barrier from where it cannot accrete farther inwards unless its angular momentum is transported away. Near the centrifugal barrier, where the gas is held against gravity by rotation, an accretion disk forms around the black hole, centered on the plane perpendicular to the rotation axis. The accretion time is dictated by the rate at which angular momentum is transported through viscous stress which could be significantly longer than the free-fall time for a non-rotating flow (as in the Bondi solution described in § 3). In the absence of radiative processes, the dissipation of the gas's kinetic energy into heat would make the disk thick and hot, with a kinetic energy of the gas close to half the gravitational potential energy (virial equilibrium). For protons at distance r, this corresponds to a temperature ∼ 10 13 K(r/rg) −1 where rg = GM/c 2 is the gravitational radius. However, if the cooling time of the gas is shorter than the viscous time, then a thin disk would form. This latter regime is realized for the high gas inflow rate during quasar activity ( § 2.3), as well as for stellar mass black holes that emit in the soft thermal state in LMXBs ( § 2.2). To better understand such objects, we start by exploring the structure of thin disks that characterize the high accretion rate of quasars (Shakura and Sunyaev 1973; Novikov and Thorne 1973) . We imagine a planar thin disk of cold gas orbiting a central black hole. Each gas element orbits at the local Keplerian velocity v φ = rΩ = (GM/r) 1/2 and spirals slowly inwards with radial velocity vr ≪ v φ as viscous torques transport its angular momentum to the outer part of the disk. The associated viscous stress generates heat, which is radiated away locally from the the disk surface. We assume that the disk is fed steadily and so it manifests a constant mass accretion rate at all radii. Mass conservation implies thatṀ = 2πrΣvr = constant (20) independent of radius and time, where Σ(r) is the surface mass density of the disk. The accretion rateṀ is a free parameter of the model, which is often expressed with the accretion rate corresponding to the Eddington luminosity asṁ =Ṁ /Ṁ E . The corresponding angular momentum flux isṀ r 2 Ω + constant.
In the limit of a geometrically thin disk with a scale height H ≪ r, the hydrodynamic equations decouple in the radial and vertical directions. In the radial direction, the Keplerian velocity profile introduces shear which dissipates heat as neighboring fluid elements rub against each other. This power provides a local radiative flux that leaves the system vertically from the top and bottom surfaces of the disk,
where we assumed that the torque vanishes at the innermost stable circular orbit (ISCO), from where the gas plunges into the black hole over a free fall time. This sets the inner boundary of the disk. Here r ISCO = 6rg for a non-spinning black hole, and rg ≤ r ISCO ≤ 9rg for a spinning black hole, where rg = GM/c 2 . The total luminosity emitted by both faces of the disk is given by
where we have ignored the radiation emitted inside the ISCO. This shows that the radiative efficiency of the disk is ǫ = rg/(2r ISCO ) = 1/12 = 8.3% for a nonspinning black hole and 50% for a maximally spinning black hole in the prograde direction. Note that this simple estimate neglected general-relativistic corrections. A more detailed calculation gives similar results: ǫ = 6% for nonspinning and 42% for maximally spinning black holes (Shapiro and Teukolsky 1983b) . In local thermodynamic equilibrium, the emergent flux from the surface of the disk (equation 21) can be written in terms of the disk surface temperature as F rad = σ SB T 4 d , where σ SB is the Stephan-Boltzmann constant. This yields the following radial profile for the surface temperature of the disk,
whereṁ −1 =ṁ/0.1, r 1 = r/(10rg), andṁ =Ṁ /Ṁ Edd . The corresponding thermal blackbody spectrum peaks in the UV bands for quasars, and in the X-ray band for stellar-mass black holes. (Non-thermal X-ray emission from a hot corona or a jet can supplement this disk emission.) Stellar-mass black holes can therefore be important X-ray sources at high redshifts, especially if they are incorporated in a binary system where they accrete gas from a companion star (see § 2.2).
Up to this point we did not need to adopt a model for the angular momentum transport (or an effective viscosity) in the disk. Indeed, the main observables, total luminosity and thermal spectrum, are very robustly set for a radiatively efficient thin disk by three parameters: M ,Ṁ , and the black hole spin which determines r ISCO . Other details, involving the disk thickness, the radial surface density profile, and opacity however do depend on the model of viscosity and the relative contribution of radiation to gas pressure. The effective viscosity responsible is believed to be generated by the magneto-rotational instability (Balbus and Hawley 1998) . Assuming that (i) the angular momentum flux is proportional to the pressure in the disk with a dimensionless constant of proportionality α, (ii) the disk is very thin so that it can be well approximated by vertically averaged quantities (one-zone model), (iii) the disk is optically thick in the vertical direction so that the gas and radiation are in thermal equilibrium, and (iv) the self-gravity of the gas is negligible, one can algebraically express all physical properties of the disk analytically (Goodman and Tan 2004) . The surface density and mid-plane temperature are
where β = pgas/(pgas + p rad ) is the gas to total pressure given by
(3 ασ SB ) 1/10 κ 9/10 Ω 9/10
Here b = 0 and 1 denote models where viscosity is proportional to the total pressure or only the gas pressure, respectively. Equations (24-26) along with equation (21) define the disk model as a function of radius. Equation (26) shows that in the inner regions β ≪ 1, implying that radiation pressure dominates over gas pressure. In practice, radiation pressure dominates within 600 α 2/21 1 M 2/21 5 rg ifṀ = 0.1Ṁ Edd with ǫ = 10% radiative efficiency. The opacity is dominated by electron scattering κes in the inner region and free-free absorption in the outer regions κ ff (equation 3).
Vertical hydrostatic equilibrium implies H = cs/Ω, where cs = p/ρ is the sound speed, where ρ = Σ/(2H) is the density, p = pgas + p rad is the pressure, pgas = ρk B Tc/(µmp), and p rad = 1 3 a rad T 4 c . Here µ is the mean molecular weight, which is unity for a hydrogen plasma, and µ = 0.615 for 25% helium and 75% hydrogen by mass. Combining these equations, leads to H = κF rad /[cΩ 2 (1 − β)] ∼ (3κ/8πc)Ṁ (1 − β) −1 . When the accretion rate approaches the Eddington limit, β ≈ 0, and the disk bloats and H approaches r in the inner regions, violating the thin-disk assumption. The model also breaks down if the accretion rate is several orders of magnitude below Eddington because the disk becomes optically thin τ = 1 2 κΣ < 1. The disk model described above ignores the self-gravity of the disk. This assumption is inevitably violated at large radii, where the disk becomes unstable to fragmentation due to its self-gravity, where the Toomre parameter, Q = (csΩ/πGΣ), drops below unity. Outside this radius, typically ∼ 2 × 10 4 rg(α/0.1) 0.6 (M/10 8 M ⊙ ) 1.2 , the gas in quasar accretion disks would fragment into stars, and the stars may migrate inwards as the gas accretes onto the black hole. The energy output from stellar winds and supernovae would supplement the viscous heating of the disk and might regulate the disk to have Q ∼ 1 outside the above boundary. We therefore conclude that star formation will inevitably occur on larger scales, before the gas is driven into the accretion disk that feeds the central black hole. Indeed, the broad emission lines of quasars display very high abundances of heavy elements in the spectra out to arbitrarily high redshifts. Since the total amount of mass in the disk interior to this radius makes only a small fraction of the mass of the supermassive black hole, quasars must be fed by gas that crosses this boundary after being vulnerable to fragmentation (Milosavljević and Loeb 2004) .
Advection Dominated Accretion Flow
When the accretion rate is considerably lower than the Eddington limit (ṁ 10 −2 ), the gas inflow switches to a different mode, called a Radiatively Inefficient Accretion Flow (RIAF) or an Advection Dominated Accretion Flow (ADAF), in which either the cooling time or the photon diffusion time is much longer than the accretion time of the gas and heat is mostly advected with the gas into the black hole (Narayan and Yi 1994) . At the low gas densities and high temperatures characterizing this accretion mode, the Coulomb coupling is weak and the electrons do not heat up to the proton temperature even with the aid of plasma instabilities. Viscosity heats primarily the protons since they carry most of the momentum. The other major heat source, compression of the gas, also heats the protons more effectively than the electrons. As the gas falls inward and its density ρ rises, the temperature of each species T increases adiabatically as
where γ is the corresponding adiabatic index. At radii r 10 2 r Sch , the electrons are relativistic with γ = 4/3 and so their temperature rises inwards with increasing density as Te ∝ ρ 1/3 while the protons are non-relativistic with γ = 5/3 and so Tp ∝ ρ 2/3 , yielding a two-temperature plasma with the protons being much hotter than the electrons. Typical analytic models (Narayan and Yi 1994; Narayan and McClintock 2008 , and references therein) yield Tp ∼ 10 12 K(r/r Sch ) −1 , Te ∼ min(Tp, 10 9−11 K).
Since the typical sound speed is comparable to the Keplerian speed at each radius, the geometry of the flow is thick -making RIAFs the viscous analogs of Bondi accretions. Analytic models imply a radial velocity that is a factor of ∼ α smaller than the freefall speed and an accretion time that is a factor of ∼ α longer than the free-fall time. However, since the sum of the kinetic and thermal energies of a proton is comparable to its gravitational binding energy, RIAFs are expected to be associated with strong outflows.
The radiative efficiency of RIAFs is smaller than the thin-disk value (ǫ). While the thin-disk value applies to high accretion rates above some critical value,ṁ >ṁ crit , whereṁ is the accretion rate in Eddington units, analytic RIAF models typically admit a radiative efficiency of
withṁ crit ∼ 0.01. The nature of the flow can change when the disk becomes radiatively inefficient, since thermal convection may compete with MHD turbulence in transporting energy and angular momentum. In particular, the standard notion that viscosity is transported outwards in convective disks has been challenged in RIAFs (Narayan et al. 2000) . In such convection-dominated disks the density profile is altered considerably from the standard ADAF models.
Since at low redshifts mergers are rare and much of the gas in galaxies has already been consumed in making stars, most local supermassive black holes are characterized by a very low accretion rate. The resulting low luminosity of these dormant black holes, such as the 4×10 6 M ⊙ black hole lurking at the center of the Milky Way galaxy, is often described using RIAF/ADAF models. Although this mode of accretion is characterized by a low mass infall rate, it could persist over a period of time that is orders of magnitude longer than the quasar mode discussed earlier, so its contribution to the growth of black holes in galactic nuclei may not be negligible.
Circumbinary SMBH disks
Galaxy mergers naturally lead to SMBH binaries, which can also produce bright emission. Direct X-ray imaging of active nuclei have revealed several SMBH binaries at separations of ∼3 kpc (Komossa et al. 2003; Ballo et al. 2004; Bianchi et al. 2008; Civano et al. 2012) , 400 pc (Paggi et al. 2013) , and 150 pc (Fabbiano et al. 2011) . Additional evidence comes in the form of a radio galaxy with a double core with a projected separation of 10 pc (Rodriguez et al. 2006) , and several other observations of radio galaxies, such as the wiggled shape of jets indicating precession (Roos et al. 1993) , the X-shaped morphologies of radio lobes (Merritt and Ekers 2002; Liu 2004) , the interruption and recurrence of activity in double-double radio galaxies (Schoenmakers et al. 2000; Liu et al. 2003) , and the elliptical motion of the unresolved core of 3C66B (Sudou et al. 2003) , which have all been interpreted as indirect evidence for SMBH binaries down to subparsec scales. Velocity offsets in broad line spectra have also been observed in a handful of AGN which may be attributed to the orbital motion of the SMBH binary around the center of mass (Eracleous et al. 2012; Ju et al. 2013) . The structure of the accretion flow around close SMBH binaries is less understood. Generally speaking, the dense nuclear gas around the binary is expected to cool rapidly and settle in a rotationally supported circumbinary disk (Escala et al. 2005) . If the binary plane is initially misaligned with the disk, the gravitational torques cause the disk to warp and twist. Viscosity then causes the disk to align with the binary on a timescale t al ∼ max[α(H/r) −2 t orb , (H/r) −1 t orb ] where t orb is the binary orbital period, H is the scale-height, and α is the dimensionless viscosity parameter of a thin disk (Ivanov et al. 1999 , and see § 4). For nearly equal masses, the accretion flow may then develop a triple-disk structure, forming individual accretion disks around the two binary components, and a larger circumbinary disk feeding these smaller disks (Hayasaki et al. 2008) . For unequal mass binaries m/M ≪ 0.1, the accretion disk geometry may be similar to a protoplanetary disk with a planet orbiting in the disk. The secondary excites spiral density waves in the disk which carry away energy and angular momentum from the secondary. This acts to reduce the density in a radial annulus of comparable to the Roche lobe R R (equation 1), regulates the inflow rate across the secondary orbit, and leads to the inward migration of the secondary. If the secondary is capable of quenching the inflow efficiently, a hollow cavity may form interior to its orbit with negligible accretion onto the primary. The gradual accretion from the outer regions will make the gas pile up outside the secondary's orbit similar to a river dam. The gas density and pressure increases significantly, until the gas overflows in non-axisymmetric streams, filling the cavity.
There are several interesting limiting cases for the circumbinary disk structure. For extreme binary mass ratios, q 10 −4 , the secondary cannot significantly modify the disk, which is then described by a standard thin disk assuming that the accretion rate is in the range 0.01ṁ < 0.3 (see § 4). The spiral waves generated in the disk by the secondary carry away angular momentum very efficiently, shrinking the secondary's orbit quickly on the so-called Type-1 migration timescale (∼ 10 4 -10 5 yr, Goldreich and Tremaine 1980) . For comparable binary masses, q 0.1, a complete cavity forms, and the secondary is driven inwards on the viscous timescale (∼ 10 7 yr) as the gas is flowing in from the outer regions (Type-2 migration). However, typically the local disk mass is much smaller than the secondary SMBH mass, implying that the gas piles up before it can drive the binary in. The accretion disk acquires a selfsimilar structure well outside the secondary as long as there is no inflow across the gap (Ivanov et al. 1999; Rafikov 2012) . If the inflow into the cavity is significant, the disk settles in a steady state profile and the migration rate may be much slower (Type-1.5 migration, Kocsis et al. 2012b ).
The accretion disk luminosity depends on whether the inner disk is truncated by tidal effects of the secondary and depends on the amount of gas pile up outside the secondary's orbit. The radiative efficiency may be larger than equation (22) due to the energy release corresponding to the inward migration of the secondary. This excess power comes from the part of the accretion disk outside the secondary's orbit where the gas pile up is significant. Figure 3 shows that this can make the disk significantly brighter in the optical bands for q < 0.01 (Kocsis et al. 2012a ). Furthermore, hydrodynamical simulations show that the accretion flow into the inner regions is expected to display periodic variability on roughly the orbital timescale. The variability power spectrum has discrete peaks, where the frequencies and harmonic weights depend on the binary mass ratio, accretion rate, and the α parameter (MacFadyen and Milosavljević 2008; Cuadra et al. 2009; Shi et al. 2012; Noble et al. 2012; D'Orazio et al. 2012) . However, further improvements are needed to include radiation pressure and extended to cover several viscous timescales to make more quantitative predictions on circumbinary accretion. Supermassive black hole binaries may be identified in future surveys based on the velocity offsets in their broad line spectra (Shen and Loeb 2010; Eracleous et al. 2012) , the expected periodic variability of the accretion luminosity on weeks-to-months timescales ), the excess brightness in the optical bands of the thermal spectrum corresponding to the pile up (Kocsis et al. 2012a) , the variability of relativistic iron lines due to the orbital motion of the secondary and the effects of a gap in the disk (McKernan et al. 2013) , or through the gravitational waves emitted by the binary (Kocsis et al. 2008; Lang et al. 2011) .
Feeding Black Holes with Stars
Tidal Disruption Events
Most supermassive black holes in the local Universe are not accreting gas. They are typically lurking at the centers of galaxies, surrounded by a dense population of stars. A star that comes close to the black hole is torn apart by tidal gravity. The spaghettilike stellar debris falling back onto the black hole forms an accretion disk and produces a luminous electromagnetic transient lasting weeks to years, observable from cosmological distances (Frank and Rees 1976) . Around 25 tidal disruption events have been observed to date in X-ray, UV, optical, and radio bands (Komossa 2012; Gezari 2012 , and references therein). These observations imply a stellar disruption rate of 3 × 10 −5 yr −1 galaxy −1 (van Velzen and Farrar 2012), consistent with theoretical rate estimates (Rees 1988; Wang and Merritt 2004) .
The characteristic light-curve produced by tidal disruption events is derived as follows. The maximum distance at which the tidal field of the black hole is capable of unbinding a star is the tidal radius,
The disruption occurs outside of the black hole horizon for M BH < 10 8 M ⊙ for main sequence stars, 10 6 M ⊙ for white dwarfs and 5 M ⊙ for neutron stars (see Kesden 2012b, for highly spinning black holes where these bounds may be a factor 10 larger). After tidal disruption, approximately half of the stellar mass is bound to the black hole and half is unbound. The most bound material returns to pericenter after a time
where Rp is the pericenter distance, tp = (GM BH /R 3 p ) −1/2 is the pericenter timescale. The fallback rate of bound material is then (Rees 1988 )
where E ∼ GM BH /a is the orbital energy, and a ∝ t −3/2 from Kepler's law, and we assumed that dM/dE is constant. The timescale for the light-curve to reach the t −5/3 limit depends on the stellar structure and spin through dM/dE (Lodato et al. 2009; MacLeod et al. 2012; Guillochon and Ramirez-Ruiz 2013; ). This Newtonian estimate is modified for smaller stellar orbital eccentricities and by GR corrections, which depend on the spin of the black hole (Kesden 2012a; Hayasaki et al. 2012; Dai et al. 2013) .
Once the infalling gas returns to pericenter, it is expected to shock and form an accretion disk around the black hole. Initially, weeks to months after the disruption, the fallback rate is very super-Eddington. This phase is probably described by an advective slim disk with powerful outflows (Strubbe and Quataert 2009; De Colle et al. 2012; Tchekhovskoy et al. 2013 ). Months to a year later, the fallback rate becomes sub-Eddington, and the disk may radiatively cool efficiently to form a thin disk ( § 4). Finally, several years after the disruption, the fallback rate becomes very sub-Eddingtoṅ M fb 10
−2Ṁ
Edd , and the disk becomes radiatively inefficient and hot ( § 4.2) which may be accompanied by a jet. Two possible tidal disruption event sources have been observed to display jet activity (Swift J1644+57 and Swift J2058.4+0516, Burrows et al. 2011; Cenko et al. 2012 ). The lack of evidence for Lense-Thirring precession of the jet away from the observer suggests that the jet is aligned with the SMBH spin and not the accretion disk in these events (Stone and Loeb 2012a) .
The bolometric luminosity of the system is L = ǫṀ fb c 2 ∝ t −5/3 . In the thin disk phase, the multicolor blackbody spectrum of the accretion disk peaks in the soft X-ray bands. The light-curve in the X-ray bands follows t −5/3 for several years, indeed consistent with many observed sources (Komossa 2012) . Optical and UV wavelengths initially fall on the Rayleigh-Jeans tail of the disk spectrum, and the luminosity is initially proportional to the temperature Lν ∝ Tν ∝Ṁ 1/4 fb ∝ t −5/12 , and eventually converges to the t −5/3 profile as the disk cools (Lodato and Rossi 2011) . Such a shallower decline has been observed in the optical and UV bands for Swift J2058 (Cenko et al. 2012) .
Upcoming surveys will detect more hundreds to thousands of tidal disruption events (TDEs). Multi-wavelength observations will enable us to probe the supermassive and intermediate-mass black hole populations, allowing us to measure their masses and spins (Kesden 2012a) . Supermassive black hole binaries may imply a transient very high TDE rate of 1 yr −1 and account overall for 10% of the cosmic TDE rate (Chen et al. 2011) . Detecting multiple TDEs in the same galaxy within a few years time could be a signpost for a MBH binary. Merging SMBH receive a gravitational wave recoil kick due to anisotropic gravitational radiation. The recoiling black hole could produce tidal disruption flares spatially offset from the galactic center, which might contribute 1% of the TDE rates (Stone and Loeb 2012b) . Finally, white dwarfs passing close to IMBHs may be detonated by the tidal gravity which would appear as underluminous supernovae (Carter and Luminet 1982; Rosswog et al. 2009; Haas et al. 2012 ).
Fueling Active Galactic Nuclei Accretion Disks with Stars
In the standard theory of AGN accretion, the effective viscosity responsible for delivering material onto the black hole is believed to be generated by the magneto-rotational instability ( § 4). An interesting alternative idea was examined by Goodman and Rafikov (2001) in which massive objects embedded in the accretion disk serve as an effective source of viscosity. These objects drive density waves in the disk which transport energy and angular momentum like a kinematic viscosity. In particular, stars in the stellar cluster around the supermassive black hole that cross the disk become captured in the disk due to accretion and hydrodynamical drag. Miralda-Escudé and Kollmeier (2005) have argued that the matter of these stars is sufficient to replenish the disk and fuel AGN. This process can also explain the observed correlation between the black hole mass and velocity dispersion of the stellar cluster (M -σ relation), although other explanations based on AGN feedback are also possible (see Chapter 5.6 in this book). Additionally, stars may also form in the outer regions of accretion disks due to gravitational fragmentation, and migrate inwards as they interact with the disk to fuel the AGN (Levin 2007) .
The fate of the stars embedded in accretion disks is not well understood. Once they approach the black hole within the tidal radius (equation 28), they are tidally disrupted. However, their structure might change considerably before reaching this radius if they migrate across a gaseous disk. Accretion from the disk and mergers with other stars can lead to the formation of a supermassive star or an intermediate mass black hole already at large distances from the black hole (Goodman and Tan 2004; McKernan et al. 2012) . If so, these objects orbiting around supermassive black holes will generate gravitational waves, and provide a sensitive new probe of the accretion disk (Kocsis et al. 2011) .
